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Planck Collaboration: Cosmological parameters

Planck+WP Planck+WP+highL Planck+lensing+WP+highL Planck+WP+highL+BAO

Parameter Best fit 68% limits Best fit 68% limits Best fit 68% limits Best fit 68% limits

⇤bh2 . . . . . . . . . . 0.022032 0.02205 ± 0.00028 0.022069 0.02207 ± 0.00027 0.022199 0.02218 ± 0.00026 0.022161 0.02214 ± 0.00024

⇤ch2 . . . . . . . . . . 0.12038 0.1199 ± 0.0027 0.12025 0.1198 ± 0.0026 0.11847 0.1186 ± 0.0022 0.11889 0.1187 ± 0.0017

100⇥MC . . . . . . . . 1.04119 1.04131 ± 0.00063 1.04130 1.04132 ± 0.00063 1.04146 1.04144 ± 0.00061 1.04148 1.04147 ± 0.00056

⇧ . . . . . . . . . . . . 0.0925 0.089+0.012
�0.014 0.0927 0.091+0.013

�0.014 0.0943 0.090+0.013
�0.014 0.0952 0.092 ± 0.013

ns . . . . . . . . . . . 0.9619 0.9603 ± 0.0073 0.9582 0.9585 ± 0.0070 0.9624 0.9614 ± 0.0063 0.9611 0.9608 ± 0.0054

ln(1010As) . . . . . . . 3.0980 3.089+0.024
�0.027 3.0959 3.090 ± 0.025 3.0947 3.087 ± 0.024 3.0973 3.091 ± 0.025

APS
100 . . . . . . . . . . 152 171 ± 60 209 212 ± 50 204 213 ± 50 204 212 ± 50

APS
143 . . . . . . . . . . 63.3 54 ± 10 72.6 73 ± 8 72.2 72 ± 8 71.8 72.4 ± 8.0

APS
217 . . . . . . . . . . 117.0 107+20

�10 59.5 59 ± 10 60.2 58 ± 10 59.4 59 ± 10

ACIB
143 . . . . . . . . . . 0.0 < 10.7 3.57 3.24 ± 0.83 3.25 3.24 ± 0.83 3.30 3.25 ± 0.83

ACIB
217 . . . . . . . . . . 27.2 29+6

�9 53.9 49.6 ± 5.0 52.3 50.0 ± 4.9 53.0 49.7 ± 5.0

AtSZ
143 . . . . . . . . . . 6.80 . . . 5.17 2.54+1.1

�1.9 4.64 2.51+1.2
�1.8 4.86 2.54+1.2

�1.8

rPS
143⇥217 . . . . . . . . 0.916 > 0.850 0.825 0.823+0.069

�0.077 0.814 0.825 ± 0.071 0.824 0.823 ± 0.070

rCIB
143⇥217 . . . . . . . . 0.406 0.42 ± 0.22 1.0000 > 0.930 1.0000 > 0.928 1.0000 > 0.930

�CIB . . . . . . . . . . 0.601 0.53+0.13
�0.12 0.674 0.638 ± 0.081 0.656 0.643 ± 0.080 0.667 0.639 ± 0.081

⇤tSZ⇥CIB . . . . . . . . 0.03 . . . 0.000 < 0.409 0.000 < 0.389 0.000 < 0.410

AkSZ . . . . . . . . . . 0.9 . . . 0.89 5.34+2.8
�1.9 1.14 4.74+2.6

�2.1 1.58 5.34+2.8
�2.0

⇤⇥ . . . . . . . . . . . 0.6817 0.685+0.018
�0.016 0.6830 0.685+0.017

�0.016 0.6939 0.693 ± 0.013 0.6914 0.692 ± 0.010

⌅8 . . . . . . . . . . . 0.8347 0.829 ± 0.012 0.8322 0.828 ± 0.012 0.8271 0.8233 ± 0.0097 0.8288 0.826 ± 0.012

zre . . . . . . . . . . . 11.37 11.1 ± 1.1 11.38 11.1 ± 1.1 11.42 11.1 ± 1.1 11.52 11.3 ± 1.1

H0 . . . . . . . . . . . 67.04 67.3 ± 1.2 67.15 67.3 ± 1.2 67.94 67.9 ± 1.0 67.77 67.80 ± 0.77

Age/Gyr . . . . . . . 13.8242 13.817 ± 0.048 13.8170 13.813 ± 0.047 13.7914 13.794 ± 0.044 13.7965 13.798 ± 0.037

100⇥⇤ . . . . . . . . . 1.04136 1.04147 ± 0.00062 1.04146 1.04148 ± 0.00062 1.04161 1.04159 ± 0.00060 1.04163 1.04162 ± 0.00056

rdrag . . . . . . . . . . 147.36 147.49 ± 0.59 147.35 147.47 ± 0.59 147.68 147.67 ± 0.50 147.611 147.68 ± 0.45

Table 5. Best-fit values and 68% confidence limits for the base ⇥CDM model. Beam and calibration parameters, and addi-
tional nuisance parameters for “highL” data sets are not listed for brevity but may be found in the Explanatory Supplement
(Planck Collaboration ES 2013).

strongly degenerate with the Poisson point source ampli-
tude at 100 GHz. This degeneracy is broken when the high-
resolution CMB data are added to Planck.

The last two points are demonstrated clearly in Fig. 7, which
shows the residuals of the Planck spectra with respect to the
best-fit cosmology for the Planck+WP analysis compared to the
Planck+WP+highL fits. The addition of high-resolution CMB
data also strongly constrains the net contribution from the kSZ
and tSZ⇥CIB components (dotted lines), though these compo-
nents are degenerate with each other (and tend to cancel).

Although the foreground parameters for the Planck+WP fits
can di⌅er substantially from those for Planck+WP+highL, the
total foreground spectra are rather insensitive to the addition of
the high-resolution CMB data. For example, for the 217 ⇥ 217
spectrum, the di⌅erences in the total foreground solution are less
than 10 µK2 at ⌥ = 2500. The net residuals after subtracting both
the foregrounds and CMB spectrum (shown in the lower panels
of each sub-plot in Fig. 7) are similarly insensitive to the addi-
tion of the high-resolution CMB data. The foreground model is
su⇧ciently complex that it has a high “absorptive capacity” to
any smoothly-varying frequency-dependent di⌅erences between
spectra (including beam errors).

Table 6. Goodness-of-fit tests for the Planck spectra. The �⌃2 =
⌃2 � N⌥ is the di⌅erence from the mean assuming the model is
correct, and the last column expresses �⌃2 in units of the disper-
sion

⇧
2N⌥.

Spectrum ⌥min ⌥max ⌃2 ⌃2/N⌥ �⌃2/
⇧

2N⌥

100 ⇥ 100 50 1200 1158 1.01 0.14
143 ⇥ 143 50 2000 1883 0.97 �1.09
217 ⇥ 217 500 2500 2079 1.04 1.23
143 ⇥ 217 500 2500 1930 0.96 �1.13

All 50 2500 2564 1.05 1.62

To quantify the consistency of the model fits shown in Fig. 7
for Planck we compute the ⌃2 statistic

⌃2 =
�

⌥⌥⌅
(Cdata
⌥ �CCMB

⌥ �Cfg
⌥ )M�1

⌥⌥⌅ (C
data
⌥⌅ �CCMB

⌥⌅ �Cfg
⌥⌅ ), (33)

for each of the spectra, where the sums extend over the mul-
tipole ranges ⌥min and ⌥max used in the likelihood, M⌥⌥⌅ is
the covariance matrix for the spectrum Cdata

⌥ (including cor-
rections for beam eigenmodes and calibrations), CCMB

⌥ is the
best-fit primordial CMB spectrum and Cfg

⌥ is the best-fit fore-
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ABSTRACT

We detect a weak unidentified emission line at E = (3.55 − 3.57) ± 0.03 keV in a stacked XMM
spectrum of 73 galaxy clusters spanning a redshift range 0.01 − 0.35. MOS and PN observations
independently show the presence of the line at consistent energies. When the full sample is divided
into three subsamples (Perseus, Centaurus+Ophiuchus+Coma, and all others), the line is seen at
> 3σ statistical significance in all three independent MOS spectra and the PN “all others” spectrum.
The line is also detected at the same energy in the Chandra ACIS-S and ACIS-I spectra of the Perseus
cluster, with a flux consistent with XMM-Newton (however, it is not seen in the ACIS-I spectrum of
Virgo). The line is present even if we allow maximum freedom for all the known thermal emission
lines. However, it is very weak (with an equivalent width in the full sample of only ∼ 1 eV) and located
within 50–110 eV of several known faint lines; the detection is at the limit of the current instrument
capabilities and subject to significant modeling uncertainties. On the origin of this line, we argue that
there should be no atomic transitions in thermal plasma at this energy. An intriguing possibility is
the decay of sterile neutrino, a long-sought dark matter particle candidate. Assuming that all dark
matter is in sterile neutrinos with ms = 2E = 7.1 keV, our detection in the full sample corresponds to
a neutrino decay mixing angle sin2(2θ) ≈ 7× 10−11, below the previous upper limits. However, based
on the cluster masses and distances, the line in Perseus is much brighter than expected in this model,
significantly deviating from other subsamples. This appears to be because of an anomalously bright
line at E = 3.62 keV in Perseus, which could be an Arxvii dielectronic recombination line, although
its emissivity would have to be 30 times the expected value and physically difficult to understand. In
principle, such an anomaly might explain our line detection in other subsamples as well, though it
would stretch the line energy uncertainties. Another alternative is the above anomaly in the Ar line
combined with the nearby 3.51 keV K line also exceeding expectation by factor 10–20. Confirmation
with Chandra and Suzaku, and eventually Astro-H, are required to determine the nature of this new
line.

1. INTRODUCTION

Galaxy clusters are the largest aggregations of hot in-
tergalactic gas and dark matter. The gas is enriched
with heavy elements (Mitchell et al. (1976); Serlemitsos
et al. (1977) and later works) that escape from galaxies
and accumulate in the intracluster/intergalactic medium
(ICM) over billions of years of galactic and stellar evo-
lution. The presence of various heavy ions is seen from
their emission lines in the cluster X-ray spectra. Data
from large effective area telescopes with spectroscopic ca-
pabilities, such as ASCA, Chandra, XMM-Newton and
Suzaku, uncovered the presence of many elements in the
ICM, including O, Ne, Mg, Si, S, Ar, Ca, Fe, and Ni
(for a review see, e.g., Böhringer & Werner 2010). Re-
cently, weak emission lines of low-abundance Cr and Mn
were discovered (Werner et al. 2006; Tamura et al. 2009).
Relative abundances of various elements contain valuable
information on the rate of supernovae of different types in
galaxies (e.g., Loewenstein 2013) and illuminate the en-
richment history of the ICM (e.g., Bulbul et al. 2012b).
Line ratios of various ions can also provide diagnostics
of the physical properties of the ICM, uncover the pres-
ence of multi-temperature gas, nonequilibrium ionization

ebulbul@cfa.harvard.edu

states and nonthermal emission processes such as charge
exchange (Paerels & Kahn 2003).
As for dark matter, 80 years from its discovery by

(Zwicky 1933, 1937), its nature is still unknown (though
now we do know for sure it exists — from X-ray and
gravitational-lensing observations of the Bullet Cluster,
Clowe et al. (2006), and we know accurately its cosmo-
logical abundance, e.g., Hinshaw et al. (2013)). Among
the various plausible dark matter candidates, one that
has motivated our present work is the hypothetical ster-
ile neutrino that is included in some extensions to the
standard model of particle physics (Dodelson & Widrow
(1994) and later works; for recent reviews see, e.g.,
Abazajian et al. (2007); Boyarsky et al. (2009)). Ster-
ile neutrinos should decay spontaneously with the rate

Γγ(ms, θ) = 1.38× 10−29 s−1

!

sin2 2θ

10−7

"

# ms

1 keV

$5
,

(1)
where the particle mass ms and the “mixing angle” θ
are unknown but tied to each other in any particular
neutrino production model (Pal & Wolfenstein 1982).
The decay of sterile neutrino should produce a photon of
E = ms/2 and an active neutrino. The mass of the ster-
ile neutrino may lie in the keV range, which would place
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We identify a weak line at keV in X-ray spectra of the Andromeda galaxy and the Perseus galaxy
cluster – two dark matter-dominated objects, for which there exist deep exposures with the XMM-Newton X-ray
observatory. Such a line was not previously known to be present in the spectra of galaxies or galaxy clusters.
Although the line is weak, it has a clear tendency to become stronger towards the centers of the objects; it is
stronger for the Perseus cluster than for the Andromeda galaxy and is absent in the spectrum of a very deep
“blank sky” dataset. Although for individual objects it is hard to exclude the possibility that the feature is due
to an instrumental effect or an atomic line of anomalous brightness, it is consistent with the behavior of a line
originating from the decay of dark matter particles. Future detections or non-detections of this line in multiple
astrophysical targets may help to reveal its nature.

The nature of dark matter (DM) is a question of crucial im-
portance for both cosmology and for fundamental physics. As
neutrinos – the only known particles that could be dark mat-
ter candidates – are known to be too light to be consistent with
various observations (see e.g. [1] for a review), it is widely an-
ticipated that a new particle should exist to extend the hot Big
Bang cosmology paradigm to dark matter. Although many
candidates have been put forward by particle physicists (see
e.g. [2]), little is known experimentally about the properties
of DM particles: their masses, lifetimes, and interaction types
remain largely unconstrained. A priori, a given DM candidate
can possess a decay channel if its lifetime exceeds the age
of the Universe. Therefore, the search for a DM decay signal
provides an important test to constrain the properties of DM in
a model-independent way. For fermionic particles, one should
search above the Tremaine-Gunn limit [3] ( ). If the
mass is below , such a fermion can decay to neutrinos
and photons, and we can expect two-body radiative decay with
photon energy DM. Such particles can be searched
for in X-rays (see [4] for review of previous searches). For
each particular DM model, the particle’s mass, lifetime and
other parameters are related by the requirement to provide the
correct DM abundance. For example, for one very interesting
DM candidate – the right-handed neutrino – this requirement
restricts the mass range to [4, 5]. A large part
of the available parameter space for sterile neutrinos is fully
consistent with all astrophysical and cosmological bounds [6],
and it is important to probe it still further.

The DM decay line is much narrower than the spectral res-
olution of the present day X-ray telescopes and, as previous
searches have shown, should be rather weak. The X-ray spec-
tra of astrophysical objects are crowded with weak atomic and
instrumental lines, not all of which may be known. Therefore,
even if the exposure of available observations continues to in-
crease, it is hard to exclude an astrophysical or instrumental
origin of any weak line found in the spectrum of individual

object. However, if the same feature is present in the spectra
of a number of different objects, and its surface brightness and
relative normalization between objects is consistent with the
expected behavior of the DM signal, this can provide much
more convincing evidence about its nature.

The present paper takes a step in this direction. We present
the results of the combined analysis of many XMM-Newton
observations of two objects at different redshifts – the Perseus
cluster and the Andromeda galaxy (M31) – together with a
long exposure “blank sky” dataset. We study the 2.8–8 keV
energy band and show that the only significant un-modeled
excess that is present in the spectra of both M31 and Perseus
is located at keV energy and the line in Perseus is cor-
rectly redshifted as compared to Andromeda (at 95% CL). The
relative fluxes for the two objects are in agreement with what
is known about their DM distributions. We also study sur-
face brightness profiles of this line and find them consistent
with expectations for a DM decay line. We do not detect such
a line in the very deep “blank sky” dataset, which disfavors
some of the scenarios for its instrumental origin (e.g. features
in the effective area). The upper bound from this dataset is
consistent with expectations for a DM signal that would come
in this case primarily from the Milky Way halo. However, as
the line is weak ( in the combined dataset) and the uncer-
tainties in DM distribution are significant, positive detections
or strong constraints from more objects are clearly needed in
order to determine the nature of this signal.1

Below we summarize the details of our data analysis and then

1 During our work we became aware that a similar analysis has been carried
out by different group for a collection of galaxy clusters. When this paper
was in preparation, the arXiv preprint [7] by this group appeared, claim-
ing a detection of a spectral feature at the same energy from a number of
clusters.
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We identify a weak line at keV in X-ray spectra of the Andromeda galaxy and the Perseus galaxy
cluster – two dark matter-dominated objects, for which there exist deep exposures with the XMM-Newton X-ray
observatory. Such a line was not previously known to be present in the spectra of galaxies or galaxy clusters.
Although the line is weak, it has a clear tendency to become stronger towards the centers of the objects; it is
stronger for the Perseus cluster than for the Andromeda galaxy and is absent in the spectrum of a very deep
“blank sky” dataset. Although for individual objects it is hard to exclude the possibility that the feature is due
to an instrumental effect or an atomic line of anomalous brightness, it is consistent with the behavior of a line
originating from the decay of dark matter particles. Future detections or non-detections of this line in multiple
astrophysical targets may help to reveal its nature.

The nature of dark matter (DM) is a question of crucial im-
portance for both cosmology and for fundamental physics. As
neutrinos – the only known particles that could be dark mat-
ter candidates – are known to be too light to be consistent with
various observations (see e.g. [1] for a review), it is widely an-
ticipated that a new particle should exist to extend the hot Big
Bang cosmology paradigm to dark matter. Although many
candidates have been put forward by particle physicists (see
e.g. [2]), little is known experimentally about the properties
of DM particles: their masses, lifetimes, and interaction types
remain largely unconstrained. A priori, a given DM candidate
can possess a decay channel if its lifetime exceeds the age
of the Universe. Therefore, the search for a DM decay signal
provides an important test to constrain the properties of DM in
a model-independent way. For fermionic particles, one should
search above the Tremaine-Gunn limit [3] ( ). If the
mass is below , such a fermion can decay to neutrinos
and photons, and we can expect two-body radiative decay with
photon energy DM. Such particles can be searched
for in X-rays (see [4] for review of previous searches). For
each particular DM model, the particle’s mass, lifetime and
other parameters are related by the requirement to provide the
correct DM abundance. For example, for one very interesting
DM candidate – the right-handed neutrino – this requirement
restricts the mass range to [4, 5]. A large part
of the available parameter space for sterile neutrinos is fully
consistent with all astrophysical and cosmological bounds [6],
and it is important to probe it still further.

The DM decay line is much narrower than the spectral res-
olution of the present day X-ray telescopes and, as previous
searches have shown, should be rather weak. The X-ray spec-
tra of astrophysical objects are crowded with weak atomic and
instrumental lines, not all of which may be known. Therefore,
even if the exposure of available observations continues to in-
crease, it is hard to exclude an astrophysical or instrumental
origin of any weak line found in the spectrum of individual

object. However, if the same feature is present in the spectra
of a number of different objects, and its surface brightness and
relative normalization between objects is consistent with the
expected behavior of the DM signal, this can provide much
more convincing evidence about its nature.

The present paper takes a step in this direction. We present
the results of the combined analysis of many XMM-Newton
observations of two objects at different redshifts – the Perseus
cluster and the Andromeda galaxy (M31) – together with a
long exposure “blank sky” dataset. We study the 2.8–8 keV
energy band and show that the only significant un-modeled
excess that is present in the spectra of both M31 and Perseus
is located at keV energy and the line in Perseus is cor-
rectly redshifted as compared to Andromeda (at 95% CL). The
relative fluxes for the two objects are in agreement with what
is known about their DM distributions. We also study sur-
face brightness profiles of this line and find them consistent
with expectations for a DM decay line. We do not detect such
a line in the very deep “blank sky” dataset, which disfavors
some of the scenarios for its instrumental origin (e.g. features
in the effective area). The upper bound from this dataset is
consistent with expectations for a DM signal that would come
in this case primarily from the Milky Way halo. However, as
the line is weak ( in the combined dataset) and the uncer-
tainties in DM distribution are significant, positive detections
or strong constraints from more objects are clearly needed in
order to determine the nature of this signal.1

Below we summarize the details of our data analysis and then

1 During our work we became aware that a similar analysis has been carried
out by different group for a collection of galaxy clusters. When this paper
was in preparation, the arXiv preprint [7] by this group appeared, claim-
ing a detection of a spectral feature at the same energy from a number of
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Figure 6. 3�4 keV band of the rebinned XMM-Newton spectra of the detections.The spectra were rebinned to make the excess at ⇠3.57
keV more apparent. (APJ VERSION INCLUDES ONLY THE REBINNED MOS SPECTRUM OF THE FULL SAMPLE).

nax dwarf galaxies (Boyarsky et al. 2010; Watson et al.
2012), as showin in Figure 13(a). It is in marginal (⇠90%
significance) tension with the most recent Chandra limit
from M31 (Horiuchi et al. 2014), as shown in Figure
13(b).
For the PN flux for the line fixed at the best-fit MOS

energy, the corresponding mixing angle is sin2(2✓) =
4.3+1.2

�1.0 (+1.8
�1.7) ⇥ 10�11. This measurement is consistent

with that obtained from the stacked MOS observations

at a 1� level. Since the most confident measurements
are provided by the highest signal-to-noise ratio stacked
MOS observations of the full sample, we will use the flux
at energy 3.57 keV when comparing the mixing angle
measurements for the sterile neutrino interpretation of
this line.

3.2. Excluding Bright Nearby Clusters from the Sample

WDM decay line in 69 stacked clusters? 

Bulbul et al. ‘14 E=3.57 keV 
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The Characterization of the Gamma-Ray Signal from the Central Milky Way:

A Compelling Case for Annihilating Dark Matter
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Past studies have identified a spatially extended excess of ⇠1-3 GeV gamma rays from the region
surrounding the Galactic Center, consistent with the emission expected from annihilating dark mat-
ter. We revisit and scrutinize this signal with the intention of further constraining its characteristics
and origin. By applying cuts to the Fermi event parameter CTBCORE, we suppress the tails of
the point spread function and generate high resolution gamma-ray maps, enabling us to more easily
separate the various gamma-ray components. Within these maps, we find the GeV excess to be
robust and highly statistically significant, with a spectrum, angular distribution, and overall nor-
malization that is in good agreement with that predicted by simple annihilating dark matter models.
For example, the signal is very well fit by a 31-40 GeV dark matter particle annihilating to bb̄ with
an annihilation cross section of �v = (1.4� 2.0)⇥ 10�26 cm3/s (normalized to a local dark matter
density of 0.3 GeV/cm3). Furthermore, we confirm that the angular distribution of the excess is
approximately spherically symmetric and centered around the dynamical center of the Milky Way
(within ⇠0.05� of Sgr A⇤), showing no sign of elongation along or perpendicular to the Galactic
Plane. The signal is observed to extend to at least ' 10� from the Galactic Center, disfavoring the
possibility that this emission originates from millisecond pulsars.

PACS numbers: 95.85.Pw, 98.70.Rz, 95.35.+d; FERMILAB-PUB-14-032-A, MIT-CTP 4533

I. INTRODUCTION

Weakly interacting massive particles (WIMPs) are a
leading class of candidates for the dark matter of our uni-
verse. If the dark matter consists of such particles, then
their annihilations are predicted to produce potentially
observable fluxes of energetic particles, including gamma
rays, cosmic rays, and neutrinos. Of particular interest
are gamma rays from the region of the Galactic Center
which, due to its proximity and high dark matter density,
is expected to be the brightest source of dark matter an-
nihilation products on the sky, hundreds of times brighter
than the most promising dwarf spheroidal galaxies.

Over the past few years, several groups analyzing data
from the Fermi Gamma-Ray Space Telescope have re-
ported the detection of a gamma-ray signal from the in-
ner few degrees around the Galactic Center (correspond-
ing to a region several hundred parsecs in radius), with a
spectrum and angular distribution compatible with that
anticipated from annihilating dark matter particles [1–7].
More recently, this signal was shown to also be present
throughout the larger Inner Galaxy region, extending
kiloparsecs from the center of the Milky Way [8, 9]. While
the spectrum and morphology of the Galactic Center and
Inner Galaxy signals have been shown to be compatible
with that predicted from the annihilations of an approx-
imately 30-40 GeV WIMP annihilating to quarks (or a
⇠7-10 GeV WIMP annihilating significantly to tau lep-

tons), other explanations have also been proposed. In
particular, it has been argued that if our galaxy’s central
stellar cluster contains several thousand unresolved mil-
lisecond pulsars, they might be able to account for the
emission observed from the Galactic Center [2, 4–7, 10].
The realization that this signal extends well beyond the
boundaries of the central stellar cluster [8, 9] disfavors
such interpretations, however. In particular, pulsar pop-
ulation models capable of producing the observed emis-
sion from the Inner Galaxy invariably predict that Fermi

should have resolved a much greater number of such ob-
jects. Accounting for this constraint, Ref. [11] concluded
that no more than ⇠5-10% of the anomalous gamma-
ray emission from the Inner Galaxy can originate from
pulsars. Furthermore, while it has been suggested that
the Galactic Center signal might result from cosmic-ray
interactions with gas [2, 4–6], the analyses of Refs. [12]
and [13] find that measured distributions of gas provide
a poor fit to the morphology of the observed signal. It
also appears implausible that such processes could ac-
count for the more spatially extended emission observed
from throughout the Inner Galaxy.

In this study, we revisit the anomalous gamma-ray
emission from the Galactic Center and the Inner Galaxy
regions and scrutinize the Fermi data in an e↵ort to con-
strain and characterize this signal more definitively, with
the ultimate goal being to confidently determine its ori-
gin. One way in which we expand upon previous work
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Annihilation radiation from the Galactic Centre? 

Hooper & Goodenough ‘11 

Excess? Excess? 
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The cosmic power spectrum: from 
the CMB to the 2dFGRS 
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àSubgalactic scales  

   (strongly non-linear)  

Astrophysical key to identity of dark matter: 
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cold dark matter • warm dark matter  

Lovell, Eke, Frenk, Gao, Jenkins, Wang, White, Theuns, 
Boyarski & Ruchayskiy  ‘12 

How can we distinguish between these? 
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Four problems on small scales 

Can these help distinguish between CDM & WDM? 

1. The “missing satellites” problem 

2. The “too-big-to-fail” problem 

3. The “core-cusp” problem  

4. The “satellite disk” problem 

Traditionally ascribed to CDM: 
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The “missing satellites” problem 
in CDM 

The	  satellites	  of	  the	  MW	   Dark	  ma2ter	  subhalos	  in	  CDM	  

• Why are most subhalos  
dark? 

“Missing satellites” problem:  

The Milky Way has only about 25 satellites 

BUT: CDM halos have a very large number of 
subhalos   
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The “too-big-to-fail” problem 

The	  satellites	  of	  the	  MW	   Dark	  ma2ter	  subhalos	  in	  CDM	  

• Why did these not make a 
galaxy? 

Vc =
GM
r

“Too-big-to-fail” problem:  

Milky way has only  3 satellites with Vmax>30 km/s 

BUT:  CDM has ~10 subhalos with Vmax>30 km/s 

V max = max Vc 
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• cold dark matter • warm dark matter  

Lovell, Eke, Frenk, Gao, Jenkins, Theuns  ‘12 

The core-cusp problem 

“Core-cusp” problem:  

CDM halos & subhalos have cuspy density profiles 

BUT: kinematical data are said to  “show” that the 
dwarf satellites of the Milky Way have cores 
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The “satellite disk” problem 

MW satellites  

Direction of ang. mom. Milky Way 

Lynden-Bell ‘76 
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Does warm dark matter also suffer from 
these four “problems”? 
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The “missing satellites” problem 

The	  satellites	  of	  the	  MW	  
cold dark matter 

MW has only ~25 satellites 
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• warm dark matter  

The “missing satellites” problem 

The	  satellites	  of	  the	  MW	  



Lovell, Eke, Frenk, Gao, 
Jenkins,  Wang, White, Theuns, 

Boyarski & Ruchayskiy  ‘11 

30 km/s 

Vcirc within r1/2   
MW satellites 

V (r)c =
GM (r)
r

The “too-big-to-fail” 
problem 



30 km/s 

Vcirc within r1/2   
MW satellites 
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Gilmore etal ‘07 

The DM halos of dwarf spheroidals 
ρ 

[M
o/p

c3
]

r [kpc] 

Inferred density profiles 
for 6 dwarf spheroidals 

NFW asymptotic 
slope 

“… the central DM density 
profile is typically cored, 
not cusped, with scale 

sizes never less than a few 
hundred pc …” 

“… (keV) sterile neutrino particles have been discussed as relevant in 
just the spatial and density range we have derived here.” 
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Some of these arguments are • WRONG! 
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Four problems on small scales 

Can these help distinguish between CDM & WDM? 

1. The “missing satellites” problem 

2. The “too-big-to-fail” problem 

3. The “core-cusp” problem  

4. The “satellite disk” problem 

Traditionally ascribed to CDM: 



University of Durham 

Institute for Computational Cosmology 

Four problems on small scales 

Can these help distinguish between CDM & WDM? 

1. The “missing satellites” problem 

2. The “too-big-to-fail” problem 

3. The “core-cusp” problem  

4. The “satellite disk” problem 

Traditionally ascribed to CDM: 



University of Durham 

Institute for Computational Cosmology 

The “missing satellites” problem 

The	  satellites	  of	  the	  MW	   Dark	  ma2ter	  subhalos	  in	  CDM	  

• Why are most suhbhalos 
dark? 
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•  Reionization heats gas above Tvir, preventing it 
from cooling and forming stars in small halos 

•    Supernovae feedback expels residual gas  

Most subhalos never make a galaxy!  

Making a galaxy in a small halo is hard because:  
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Luminosity Function of Local 
Group Satellites 

LG data 

•  Median model à correct 
abund. of sats brighter than  
MV=-9 and Vcir > 12 km/s 

•  Model predicts many, as yet 
undiscovered, faint satellites 

•  LMC/SMC should be rare 
(~2% of cases) 

dark halos 
(const M/L)  

Benson, Frenk, Lacey, Baugh & Cole ’02 
(see also Kauffman etal ’93, Bullock etal ’01) 
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Luminosity Function of Local 
Group Satellites 

LG data 

•  Median model à correct 
abund. of sats brighter than  
MV=-9 and Vcir > 12 km/s 

•  Model predicts many, as yet 
undiscovered, faint  satellites 

•  LMC/SMC should be rare 
(~2% of cases) 

Benson, Frenk, Lacey, Baugh & Cole ’02 
(see also Kauffman etal ’93, Bullock etal ’01) 

★ 
★ 

★ 

★ 
★ 

Koposov et al 08 
(SDSS) 



EAGLE full 
hydro 

simulations 

Local Group 

Sawala et al ‘15 



• Sawala et al ‘15 

EAGLE full 
hydro 

simulations 

Local Group 

Far fewer satellite galaxies than CDM halos 
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EAGLE Local Group simulation 

Stellar mass functions 

Sawala et al ‘15 

Milky Way 
(obs) 

 M31 
(obs) 

Local volume 
(obs) 

Dark matter 
subhalos 
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 No, when galaxy formation is taken into account!  

Is there a “satellite problem” in  CDM? 
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 Potentially!  

Is there a “satellite problem” in WDM? 
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Warm DM: different ν mass 

1.4keV	  

1.6keV	  2.0keV,	  2.3keV	  

z=3	  

WDM 

2.3 keV 
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Luminosity Function of Local 
Group Satellites in WDM 

 No of sats  ì with: 

•  host halo mass 

•  WDM particle mass  

Kennedy, Cole & Frenk ‘13 Lovell	  et	  al.	  2012	  
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Luminosity Function of Local 
Group Satellites in WDM 
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Limits on WDM particle mass  

Minimum halo mass 
consistent (95%) with 
observed no. of sats 

for given mWDM   
M

ha
lo

 /M
o 

mWDM/keV 
Kennedy, Cole & Frenk ‘14 

For standard galaxy 
formation model,   
WDM ruled out if 
Mhalo<1.1x1012 Mo 

allowed  

Not allowed 

Lyman-α forest 
(Viel et al. ‘13) 
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warm dark matter  

Tests of the nature of the DM  

If the halo mass is too small 
and/or the WDM particle mass 
is too small, there will not be 

enough subhalos to account for 
the observed satellites!   

 è lower limit on mwdm > 3 keV 

 è lower limit if Mhalo>1.1x1012 Mo 

Kennedy, Cole & Frenk ‘13 
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Four problems on small scales 

Can these help distinguish between CDM & WDM? 

1. The “missing satellites” problem 

2. The “too-big-to-fail” problem 

3. The “core-cusp” problem  

4. The “satellite disk” problem 

Traditionally ascribed to CDM: 



30 km/s 

Vcirc within r1/2   
MW satellites 
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Warm vs cold dark matter subhalos 

“Formation redshift” 
à z at which Mhalo  first 
exceeded Minfall(<1kpc)  

WDM halos form later 
& have lower central 

masses than their 
CDM counterparts! 

WDM subhalos are still 
cuspy but are less 

concentrated than CDM 
subhalos  

è 

Lovell, Eke, Frenk, Gao, Jenkins et al ‘11 
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To-big-to-fail in CDM: baryon effects 

Vmax
hydro /Vmax

DMO
Reduction in Vmax due to 

SN feedback: 

à Lowers halo mass & 
thus halo growth rate  

Sawala et al. ‘13, ‘15 

CDM 
Vc =

GM
r

V max = max Vc 
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DM only sims à ~10 halos 
with Vmax> 30 km/s 

Too-big-to-fail: the baryon bailout 
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Hydro sims à ~3 satellites 
with Vmax> 30 km/s 

Too-big-to-fail: the baryon bailout 
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Satellite 
galaxies 

… and with correct Vmax function! 

Hydro sims à ~3 satellites 
with Vmax> 30 km/s 

Too-big-to-fail: the baryon bailout 
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 No 

Is there a “too-big-to-fail” problem in WDM? 
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 No, when galaxy formation is taken into account!  

Is there a “too-big-to-fail” problem in CDM? 
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Four problems on small scales 

Can these help distinguish between CDM & WDM? 

1. The “missing satellites” problem 

2. The “too-big-to-fail” problem 

3. The “core-cusp” problem  

4. The “satellite disk” problem 

Traditionally ascribed to CDM: 



The Density Profile of Cold Dark 
Matter Halos 

Shape of halo profiles 
~independent of halo mass & 

cosmological parameters 

  Density profiles are “cuspy” - 
no `core’ near the centre 

Fitted by simple formula:  
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Inferred density profiles 
for 6 dwarf spheroidals 

NFW asymptotic 
slope 

“…dark matter forms cored 
mass distributions, with a core 

scale length of greater than 
about 100pc, and always has a 
maximum central density in a 

narrow range…” 

“…(keV) sterile neutrino particles have been discussed as relevant in just the 
spatial and density range we have derived here.” 

Evidence for warm dark matter? 

THE OBSERVED PROPERTIES OF DARK MATTER ON SMALL SPATIAL SCALES

Gerard Gilmore,1 Mark I. Wilkinson,1,2 Rosemary F. G. Wyse,3 Jan T. Kleyna,4 Andreas Koch,5,6

N. Wyn Evans,1 and Eva K. Grebel6,7
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ABSTRACT

We present a synthesis of recent photometric and kinematic data for several of the most dark matter dominated
galaxies, the dwarf spheroidal Galactic satellites, and compare them to star clusters. There is a bimodal distribution
in half-light radii, with stable star clusters always being smaller than!30 pc, while stable galaxies are always larger
than !120 pc. We extend the previously known observational relationships and interpret them in terms of a more
fundamental pair of intrinsic properties of dark matter itself: dark matter forms cored mass distributions, with a core
scale length of greater than about 100 pc, and always has a maximum central mass density within a narrow range.
The dark matter in dSph galaxies appears to be clustered such that there is a mean volume mass density within the
stellar distribution which has the very low value of less than about 0.1M" pc#3 (about 5 GeV/c2 cm#3). All dSph’s
have velocity dispersions at the edge of their light distributions equivalent to circular velocities of !15 km s#1.
The maximum central dark matter density derived is model dependent but is likely to have a characteristic value
(averaged over a volume of radius 10 pc) of!0.1M" pc#3 for the favored cored dark mass distributions (where it is
similar to the mean value), or!60M " pc#3 (about 2 TeV/c2 cm#3) if the dark matter density distribution is cusped.
Galaxies are embedded in dark matter halos with these properties; smaller systems containing dark matter are not
observed. These values provide new information about the nature of the dominant form of dark matter.

Subject headinggs: dark matter — galaxies: dwarf — galaxies: kinematics and dynamics — Local Group —
stellar dynamics

Online material: color figures

1. INTRODUCTION

The distributions of total luminosity and of central stellar ve-
locity dispersion for star clusters and for dwarf galaxies overlap,
so that the faintest galaxies have approximately the same values of
these physical parameters as do star clusters, with galaxy lumi-
nosities extending as faint as!103 L", with line-of-sight central
velocity dispersions of !10 km s#1. The half-light radii (radius
containing one-half the total luminosity) of the galaxies, however,
are significantly larger (hundreds of parsecs) than those of star
clusters (at most tens of parsecs). This leads, through the virial
theorem, to significantly larger inferred masses for the dwarf gal-
axies, compared to star clusters of the same luminosity and ve-
locity dispersion. Indeed, the derived values of central and global
mass-to-light ratios for the gas-poor, low-luminosity, low surface
brightness satellite galaxies (classified as dwarf spheroidal gal-
axies, dSph) of theMilkyWay are high, up to several hundred in
solar units, making these systems the most dark matter dominated
galaxies in the local universe (see, e.g., Mateo 1998 for a con-
venient review of early work). As we discuss further below, they

are the ideal test beds for constraining the nature of the darkmatter
that dominates their gravity (Ostriker & Steinhardt 2003).
The dSph galaxies and star clusters share a further observed

property: organized orbital rotational energy of the member stars
is negligible compared to the energy in disordered motion, which
is measured by the stellar velocity dispersion at a given location.
Similarly to pressure gradients in a fluid, the stellar velocity dis-
persion provides the support against self-gravity, but unlike the
fluid case, stellar pressure can be anisotropic, generating galaxy
shapes which need not be spherical. Systems in which angular
momentum support against gravitational potential gradients
can be ignored when analyzing the kinematics of member stars
are designated as ‘‘hot.’’
It has been known for the past 20 years that there are well-

defined, and probably fundamental, scaling relations between
the half-light radius (or core radius), the central velocity disper-
sion, and the luminosity of hot stellar systems (e.g., Kormendy
1985; Bender et al. 1992; Zaritsky et al. 2006a, 2006b). It has
further been long established that the globular star clusters in
the halo of our Galaxy show distinctly different scalings from
the dSph galaxies, and that the dSph galaxies in turn have different
scalings from more luminous hot galaxies (e.g., Kormendy 1985,
his Fig. 3; Burstein et al. 1997). Dynamical effects over their long
lives have modified the size and luminosity distributions of the
Galactic globular clusters (e.g., Fall & Rees 1977; Gnedin &
Ostriker 1997), so it is important that robust studies include star
clusters of all ages and in all environments, including globular
star clusters in external galaxies, nuclear star clusters, and young
massive star clusters, significantly younger than globular clusters
(e.g., Walcher et al. 2005; Seth et al. 2006).
The specific combination of central velocity dispersion (!0) and

half-light radius (rh), r
#2
h !#1

0 / "h!#3
0 , is a convenient measure

of the phase-space density, where "h is the mean density within
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ABSTRACT

We present a synthesis of recent photometric and kinematic data for several of the most dark matter dominated
galaxies, the dwarf spheroidal Galactic satellites, and compare them to star clusters. There is a bimodal distribution
in half-light radii, with stable star clusters always being smaller than!30 pc, while stable galaxies are always larger
than !120 pc. We extend the previously known observational relationships and interpret them in terms of a more
fundamental pair of intrinsic properties of dark matter itself: dark matter forms cored mass distributions, with a core
scale length of greater than about 100 pc, and always has a maximum central mass density within a narrow range.
The dark matter in dSph galaxies appears to be clustered such that there is a mean volume mass density within the
stellar distribution which has the very low value of less than about 0.1M" pc#3 (about 5 GeV/c2 cm#3). All dSph’s
have velocity dispersions at the edge of their light distributions equivalent to circular velocities of !15 km s#1.
The maximum central dark matter density derived is model dependent but is likely to have a characteristic value
(averaged over a volume of radius 10 pc) of!0.1M" pc#3 for the favored cored dark mass distributions (where it is
similar to the mean value), or!60M " pc#3 (about 2 TeV/c2 cm#3) if the dark matter density distribution is cusped.
Galaxies are embedded in dark matter halos with these properties; smaller systems containing dark matter are not
observed. These values provide new information about the nature of the dominant form of dark matter.

Subject headinggs: dark matter — galaxies: dwarf — galaxies: kinematics and dynamics — Local Group —
stellar dynamics

Online material: color figures

1. INTRODUCTION

The distributions of total luminosity and of central stellar ve-
locity dispersion for star clusters and for dwarf galaxies overlap,
so that the faintest galaxies have approximately the same values of
these physical parameters as do star clusters, with galaxy lumi-
nosities extending as faint as!103 L", with line-of-sight central
velocity dispersions of !10 km s#1. The half-light radii (radius
containing one-half the total luminosity) of the galaxies, however,
are significantly larger (hundreds of parsecs) than those of star
clusters (at most tens of parsecs). This leads, through the virial
theorem, to significantly larger inferred masses for the dwarf gal-
axies, compared to star clusters of the same luminosity and ve-
locity dispersion. Indeed, the derived values of central and global
mass-to-light ratios for the gas-poor, low-luminosity, low surface
brightness satellite galaxies (classified as dwarf spheroidal gal-
axies, dSph) of theMilkyWay are high, up to several hundred in
solar units, making these systems the most dark matter dominated
galaxies in the local universe (see, e.g., Mateo 1998 for a con-
venient review of early work). As we discuss further below, they

are the ideal test beds for constraining the nature of the darkmatter
that dominates their gravity (Ostriker & Steinhardt 2003).
The dSph galaxies and star clusters share a further observed

property: organized orbital rotational energy of the member stars
is negligible compared to the energy in disordered motion, which
is measured by the stellar velocity dispersion at a given location.
Similarly to pressure gradients in a fluid, the stellar velocity dis-
persion provides the support against self-gravity, but unlike the
fluid case, stellar pressure can be anisotropic, generating galaxy
shapes which need not be spherical. Systems in which angular
momentum support against gravitational potential gradients
can be ignored when analyzing the kinematics of member stars
are designated as ‘‘hot.’’
It has been known for the past 20 years that there are well-

defined, and probably fundamental, scaling relations between
the half-light radius (or core radius), the central velocity disper-
sion, and the luminosity of hot stellar systems (e.g., Kormendy
1985; Bender et al. 1992; Zaritsky et al. 2006a, 2006b). It has
further been long established that the globular star clusters in
the halo of our Galaxy show distinctly different scalings from
the dSph galaxies, and that the dSph galaxies in turn have different
scalings from more luminous hot galaxies (e.g., Kormendy 1985,
his Fig. 3; Burstein et al. 1997). Dynamical effects over their long
lives have modified the size and luminosity distributions of the
Galactic globular clusters (e.g., Fall & Rees 1977; Gnedin &
Ostriker 1997), so it is important that robust studies include star
clusters of all ages and in all environments, including globular
star clusters in external galaxies, nuclear star clusters, and young
massive star clusters, significantly younger than globular clusters
(e.g., Walcher et al. 2005; Seth et al. 2006).
The specific combination of central velocity dispersion (!0) and

half-light radius (rh), r
#2
h !#1

0 / "h!#3
0 , is a convenient measure

of the phase-space density, where "h is the mean density within
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Density profiles of WDM halos  

WDM particles have significant thermal velocities at early times 

Since the phase-space density cannot increase, 
shouldn’t this produce a uniform density core? 
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Core radii in WDM halos  

The thermal velocities of WDM particles induce cores 
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Liouville’s theorem à upper bound on fine-grained ph. space den. 
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Density profile: real space Density profile: phase space 
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Phase-space upper limit 
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Core radii in WDM halos  

 Shao, Gao, Theuns, Frenk ’13 

The thermal velocities of WDM particles induce cores 
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FD
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gm4
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2(2⇡~)3 .

mx
4 =

6(2π!)3

(2π )5/2gGσ rh
2

By requiring f = fFD

Liouville’s theorem à upper bound on fine-grained ph. space den. 



University of Durham 

Institute for Computational Cosmology 

Core radii in WDM halos  
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For mWDM > 1.5 keV, core radii in WDM models are  < 10pc  è 

core radii NOT relevant in WDM even in dwarf gals 

The thermal velocities of WDM particles induce cores 
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FD
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gm4
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2(2⇡~)3 .

Liouville’s theorem à upper bound on fine-grained ph. space den. 
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• cold dark matter • warm dark matter  

Lovell, Eke, Frenk, Gao, Jenkins, Theuns  ‘12 

The core-cusp problem 
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1.6 keV 
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Lovell et al ‘14 

For WDM, central density î 
with decreasing mWDM 

“Core-cusp” problem: 
kinematical data “show” that 

the dwarf satellites of the Milky 
Way have cores 

ρ(r)
ρcrit

=
δc

(r / rs )(1+ r / rs )
2
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Sculptor 

Leo I 

Sagittarius 
Sextans 

Dwarf galaxies around the Milky Way 

Carina 

Fornax 

Many claims that dwarf spheroidal  satellites have density cores 
• e.g. Gilmore et al. ’07, Kuzio de Naray ’08 and many more 
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The DM halo of the Sculptor dwarf  

Sculptor has two  stellar pops:   

(i) centrally concentrated, high 
[Fe/H] 

(ii) extended, low [Fe/H] 

High [Fe/H] 

Low [Fe/H] 

€ 

M(< r) = µ
r <σ los

2 >
G

Walker ‘10; Wolf et al ‘10à 
if r=r1/2 , µ=2.5, independently of 

model assumptions! 

Core 
Cusp 

Sculptor data seem 
to require a core! 
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The DM halo of the Sculptor dwarf  
Strigari, Frenk & White ‘15 

Distribution function analysis of 2 metallicity pop. data of Battaglia et al. 
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tively, where v is the modulus of the velocity vector and θ
is the angle between this vector and the star’s position vec-
tor relative to system centre. Given a static and spherically
symmetric gravitational potential well, any positive definite
function f(E, J) corresponds to the phase-space distribution
function of some stable, dynamically mixed and spherically
symmetric equilibrium for a stellar population. In this paper
we will consider only models in which the dependence on E
and J is separable,

f(E, J) = g(J)h(E), (4)

with both g(J) and h(E) positive definite and given by sim-
ple parametric forms. It would be easy to build more general,
non-separable models as a superposition of several individu-
ally separable components, but we will not pursue this fur-
ther here.

The stellar density profile and the radial and tangential
stellar velocity dispersion profiles of such models are given
by

ρ⋆(r) = 2π

∫ π

0

dθ sin θ

∫ vesc

0

dvv2g(J)h(E) (5)

ρ⋆σ
2
r (r) = 2π

∫ π

0

dθ cos2 θ sin θ

∫ vesc

0

dvv4g(J)h(E) (6)

ρ⋆σ
2
t (r) = π

∫ π

0

dθ sin2 θ sin θ

∫ vesc

0

dvv4g(J)h(E) (7)

where vesc =
√

2[Φlim − Φ(r)]. Note that with the definition
we are using here the total velocity dispersion at radius r is

σ2
tot(r) = σ2

r (r) + 2σ2
t (r). (8)

Eqns 5, 6, and 7 can be combined to give the projected
stellar density profile and stellar line-of-sight velocity dis-
persion profile at a fixed projected distance R:

I⋆(R) = 2

∫

∞

0

ρ⋆(r)dz, (9)

I⋆(R)σ2
los(R) = 2

∫

∞

0

ρ⋆(r)
z2σ2

r +R2σ2
t

z2 +R2
dz, (10)

where r2 = z2 +R2.
A particularly interesting and simple case occurs when

the angular momentum dependence is taken to be a power
law,

g(J) = Jb, (11)

where b > −2 is a constant. For this assumption, the in-
tegrals over v and θ separate in Eqns 5, 6 and 7, and the
ratio of the two velocity dispersions is independent both of
r and of h(E). The lower limit on b is required for the θ
integrals to converge for small θ. For this choice of g(J) the
orbital anisotropy of the stellar population model, usually
parametrized as

β(r) = 1− σ2
t (r)/σ

2
r(r), (12)

is independent of radius and depends on b alone, β = −b/2.
For an isotropic velocity distribution, β = b = 0. For near-
radial orbits β is close to unity and b approaches its lower
limit of −2, while for near-circular orbits b is very large and
positive while β is very large and negative.

In this paper we will investigate models where the or-
bital anisotropy varies with radius and we therefore need a

more general form for g(J). We consider the function,

g(J) =

⎡

⎣

(

J
Jβ

)

b0
α

+

(

J
Jβ

)

b1
α

⎤

⎦

α

, (13)

which interpolates between a power law of index b0 at J ≪
Jβ and a power law of index b1 at J ≫ Jβ . The parameter
α controls the rapidity of the transition between the two
regimes at the characteristic scale, Jβ , which corresponds to

a radius of order rβ = Jβ/Φ1/2
s . In addition, α is required

to be positive for b1 > b0 and to be negative in the opposite
case.

For simplicity when comparing with the Sculptor data,
we in most cases prefer to use a function with fewer free
parameters and to assume that the velocity distribution is
isotropic near the centre, as seems plausible on general the-
oretical grounds. We therefore set |α| = 1 and b0 = 0, re-
sulting in the simpler expression

g(J) =

{

[

1 + (J/Jβ)
−b

]−1
, for b ≤ 0

1 + (J/Jβ)
b, for b > 0.

(14)

The upper and lower cases here correspond to radially and
tangentially biased orbits at large angular momentum, re-
spectively. Both produce isotropy at small angular momenta
and so also at small radii. This simplified model retains
only two parameters, Jβ which sets the extent of the in-
ner isotropic region and b which determines the velocity
anisotropy at larger angular momenta.

For the energy distribution, h(E), we have found the
following form to be sufficiently general for our purposes:

h(E) =

{

NEa(Eq + Eq
c )

d/q(Φlim − E)e for E < Φlim

0 forE ≥ Φlim,
(15)

where the restriction Φlim ≤ Φs is required because orbits
with E ≥ Φs are unbound. The normalisation, N , in this
expression sets the amplitude of the stellar density profile,
while the exponent a determines the behaviour at small en-
ergies, hence as r → 0. Comparison with the simple scale-
free distribution functions explored by White (1981) shows
that at sufficiently small radii (where Φ ≪ Φs, E ≪ Ec

and J ≪ Jβ)) Eqns 2, 13 and 15 imply a power-law stellar
density profile, ρ⋆ ∝ r−γ , where

γ =

{

−a− 3(b0 + 1)/2, for 2a+ b0 < −3,

−b0, for 2a+ b0 > −3.
(16)

In the first of these two cases, the density in the innermost
regions is dominated by stars on orbits which are confined to
those regions, while in the second it is dominated by stars on
orbits which extend well beyond them. Our model for h(E)
thus produces a central cusp in the stellar density profile
when Eqn. 16 gives γ > 0.

At somewhat larger energies, E > Ec (hence at radii
larger than rc, where Φ(rc) = Ec) the density profile steep-
ens to a new slope, γ′, which is given by Eqn 16 with a
replaced by a + d where we assume d < 0. The rapidity
of the transition around rc is controlled by the parameter
q > 0. The final factor in Eqn 15 allows for truncation of the
stellar density at a radius, rlim, defined by Φ(rlim) = Φlim,
which is directly analogous to the “tidal radius” in the clas-
sic King models for globular clusters (King 1966). The shape
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function f(E, J) corresponds to the phase-space distribution
function of some stable, dynamically mixed and spherically
symmetric equilibrium for a stellar population. In this paper
we will consider only models in which the dependence on E
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f(E, J) = g(J)h(E), (4)

with both g(J) and h(E) positive definite and given by sim-
ple parametric forms. It would be easy to build more general,
non-separable models as a superposition of several individu-
ally separable components, but we will not pursue this fur-
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The stellar density profile and the radial and tangential
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A particularly interesting and simple case occurs when

the angular momentum dependence is taken to be a power
law,

g(J) = Jb, (11)

where b > −2 is a constant. For this assumption, the in-
tegrals over v and θ separate in Eqns 5, 6 and 7, and the
ratio of the two velocity dispersions is independent both of
r and of h(E). The lower limit on b is required for the θ
integrals to converge for small θ. For this choice of g(J) the
orbital anisotropy of the stellar population model, usually
parametrized as
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2
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is independent of radius and depends on b alone, β = −b/2.
For an isotropic velocity distribution, β = b = 0. For near-
radial orbits β is close to unity and b approaches its lower
limit of −2, while for near-circular orbits b is very large and
positive while β is very large and negative.
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Jβ and a power law of index b1 at J ≫ Jβ . The parameter
α controls the rapidity of the transition between the two
regimes at the characteristic scale, Jβ , which corresponds to
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case.

For simplicity when comparing with the Sculptor data,
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isotropic near the centre, as seems plausible on general the-
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tangentially biased orbits at large angular momentum, re-
spectively. Both produce isotropy at small angular momenta
and so also at small radii. This simplified model retains
only two parameters, Jβ which sets the extent of the in-
ner isotropic region and b which determines the velocity
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For the energy distribution, h(E), we have found the
following form to be sufficiently general for our purposes:

h(E) =

{

NEa(Eq + Eq
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0 forE ≥ Φlim,
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where the restriction Φlim ≤ Φs is required because orbits
with E ≥ Φs are unbound. The normalisation, N , in this
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orbits which extend well beyond them. Our model for h(E)
thus produces a central cusp in the stellar density profile
when Eqn. 16 gives γ > 0.

At somewhat larger energies, E > Ec (hence at radii
larger than rc, where Φ(rc) = Ec) the density profile steep-
ens to a new slope, γ′, which is given by Eqn 16 with a
replaced by a + d where we assume d < 0. The rapidity
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with both g(J) and h(E) positive definite and given by sim-
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to be positive for b1 > b0 and to be negative in the opposite
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For simplicity when comparing with the Sculptor data,
we in most cases prefer to use a function with fewer free
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sulting in the simpler expression

g(J) =

{

[

1 + (J/Jβ)
−b

]−1
, for b ≤ 0

1 + (J/Jβ)
b, for b > 0.

(14)

The upper and lower cases here correspond to radially and
tangentially biased orbits at large angular momentum, re-
spectively. Both produce isotropy at small angular momenta
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with E ≥ Φs are unbound. The normalisation, N , in this
expression sets the amplitude of the stellar density profile,
while the exponent a determines the behaviour at small en-
ergies, hence as r → 0. Comparison with the simple scale-
free distribution functions explored by White (1981) shows
that at sufficiently small radii (where Φ ≪ Φs, E ≪ Ec

and J ≪ Jβ)) Eqns 2, 13 and 15 imply a power-law stellar
density profile, ρ⋆ ∝ r−γ , where

γ =

{

−a− 3(b0 + 1)/2, for 2a+ b0 < −3,

−b0, for 2a+ b0 > −3.
(16)

In the first of these two cases, the density in the innermost
regions is dominated by stars on orbits which are confined to
those regions, while in the second it is dominated by stars on
orbits which extend well beyond them. Our model for h(E)
thus produces a central cusp in the stellar density profile
when Eqn. 16 gives γ > 0.

At somewhat larger energies, E > Ec (hence at radii
larger than rc, where Φ(rc) = Ec) the density profile steep-
ens to a new slope, γ′, which is given by Eqn 16 with a
replaced by a + d where we assume d < 0. The rapidity
of the transition around rc is controlled by the parameter
q > 0. The final factor in Eqn 15 allows for truncation of the
stellar density at a radius, rlim, defined by Φ(rlim) = Φlim,
which is directly analogous to the “tidal radius” in the clas-
sic King models for globular clusters (King 1966). The shape

For each population: 

Parametrize: 

Find best-fit parameters using MCMC 

Assume pops in equil. in NFW halo: 

2 Strigari et al.

of techniques but treating the available stellar data as sam-
pled from a single stellar population and assuming spherical
symmetry has shown that the kinematic data are consistent
with an NFW halo potential, but also allow a core (Strigari
et al. 2010; Breddels et al. 2013; Richardson & Fairbairn
2014). These studies suggest a dark matter halo mass of
≃ 109 M⊙ for Sculptor (!Lokas 2009; Strigari et al. 2010;
Breddels et al. 2013).

The data for Sculptor are of sufficient quality that two
distinct stellar populations of differing metallicity can be
identified: a centrally concentrated metal-rich (MR) pop-
ulation and a more extended metal-poor (MP) popula-
tion (Battaglia et al. 2008, B08). The presence of two popu-
lations makes it possible to carry out more refined dynamical
analyses. Thus, applying the Jeans equation to each popula-
tion separately, B08 showed that their data could be fit by a
model in which the orbital distribution of each population is
isotropic near the centre and becomes radially biased in the
outer regions. They found a best fit for a model potential
with a core but also found the data to be consistent with
an NFW potential. Using Michie-King models for the stellar
distribution function, Amorisco & Evans (2012) also found
that while an NFW model provides an acceptable χ2 fit to
the data, models with a core seem to be preferred. On the
other hand, applying the projected virial theorem, Agnello
& Evans (2012) concluded that it is not possible to fit both
the MR and the MP populations with a single NFW model.

An independent dynamical analysis of Sculptor using
a larger sample of stars was carried out by (Walker & Pe-
narrubia 2011, WP11). Rather than simply separating the
observed stars into two populations according to their esti-
mated metallicity, they devised a statistical method which
fits the full dataset simultaneously with two constant ve-
locity dispersion, Plummer-profile populations of differing
metallicity, together with a contaminating Galactic compo-
nent. They then inserted the half-light radius and velocity
dispersion estimated for each population into the mass esti-
mator proposed by Walker et al. (2009). This allowed them
to infer the mass contained within each half-light radius and
thus the slope of the density profile between the two half-
light radii. They concluded that the slope is flatter than
predicted for an NFW profile at the 99% c.l.

In this study we carry out a new analysis of Sculptor
in an attempt to clarify the conflicting claims in the lit-
erature. The specific statistical question we ask is whether
the kinematic and photometric data for this galaxy exclude
potentials of the type predicted by ΛCDM. We re-examine
both the B08 and WP11 datasets from a different theoretical
perspective and discuss how they compare. There are both
similarities and differences between our analysis and those
that have been undertaken previously. Like B08 and Amor-
isco & Evans (2012), but unlike Agnello & Evans (2012)
and WP11, we exploit the full information contained within
the line-of-sight velocity dispersion and photometry profiles.
Like Amorisco & Evans (2012), but unlike B08, we build
models based on distribution functions. Our analysis differs
from that of Amorisco & Evans (2012) primarily in that we
use a more flexible form for the distribution function which
allows a wider range of energy distributions and velocity
anisotropies for the stars.

We conclude, in agreement with B08 and Amorisco &
Evans (2012), that NFW potentials are not excluded by the

B08 data. In addition, we show that the half-light radii and
velocity dispersions derived by WP11 from their data and
used by them to exclude NFW potentials, can, in fact, be
reproduced by equilibrium populations within such a po-
tential. For our more general models the constraints used
by Agnello & Evans (2012) are also no longer sufficient to
exclude NFW potentials. Indeed, the implied peak circular
velocity of the Sculptor dark matter halo and its concentra-
tion are consistent with the values predicted from ΛCDM
simulations. While an NFW potential gives an acceptable
fit to the Sculptor data, our analysis cannot exclude poten-
tials with a core, which, based on earlier work, we would
expect to give an equally good or even better fit.

This paper is organized as follows. In Section 2 we in-
troduce our model for the stellar distribution function. In
Section 3 we briefly discuss our methodology for fitting the
theoretical model to the data. In Section 4 we present our
results and, in Section 5, we compare them to previous stud-
ies, highlighting discrepancies where they exist.

2 MODELS

In this section we introduce the dynamical models we use to
interpret the observed stellar populations in Sculptor. We
assume each population to be spherically symmetric and
to be in dynamical equilibrium within a static and spher-
ically symmetric potential well. These are strong assump-
tions which should be treated as approximations. The ob-
served stellar distribution is clearly non-circular on the sky,
and Sculptor orbits within the potential of the Milky Way,
so the effective potential seen by its stars is time varying.
Some aspects of the effects of flattened potentials on the
dynamical analysis of dSph data are considered by Laporte
et al. (2013).

2.1 Dark matter

For the total mass density profile of the system we adopt an
NFW model,

ρ(r) =
ρs

x(1 + x)2
, (1)

with corresponding gravitational potential

Φ(r) = Φs

!

1− ln(1 + x)
x

"

, (2)

where we define Φs = 4πGρsr2s and x = r/rs. This sim-
ple model is determined by just two scale parameters, the
characteristic radius, rs, and the characteristic density, ρs.
Note that we define the potential to be zero at the centre
of the system and to be Φs at infinity. NFW models are of-
ten parametrized in terms of the maximum circular velocity,
Vmax, and the radius, rmax, at which this is attained. These
are related to rs and Φs through:

rmax = 2.16 rs; Vmax = 0.465
√

Φs. (3)

2.2 Stellar distribution function

We define the specific energy and specific angular momen-
tum of a star as E = v2/2 + Φ(r) and J = vr sin θ, respec-
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then insert the half-light radius and velocity dispersion ob-
tained for each population into the mass estimator proposed
by Walker et al. (2009):

Mh = M(Rh) = 2.5⟨σ2
los⟩Rh/G, (21)

which gives the mass, Mh, inside a sphere with radius equal
to the projected half-light radius, Rh, in terms of the mea-
sured velocity dispersion, σ2

los, and Rh
1. The derived in-

crease in estimated mass between the two values of Rh ap-
pears too large to be consistent with an NFW profile and
is close to that expected for a constant density core. WP11
conclude that NFW is excluded at the 99% c.l.

This conclusion is incompatible with our own, based
on the B08 data. In Fig. 4 we show the results of WP11
in the (Rh, Mh) plane, together with lines corresponding
to M ∝ rγ , with γ = 2 and γ = 3. Clearly, these results
agree much better with the dotted line representing a core
than with the dashed line representing an NFW cusp. Our
distribution function based MCMC analysis allows us to re-
construct Rh and Mh for all models consistent with the B08
data and residing in an NFW potential. Solid red and blue
contours in Fig. 4 give the 68% and 90% confidence regions
for the metal-rich and metal-poor populations respectively.
As expected, the centre points of these contours define a
slightly shallower slope than the dashed line since γ = 2
only in the innermost regions of an NFW profile. The half-
light radii found for the MR and MP populations in the two
analyses agree well but there is a clear offset in the derived
Mh values, although the contours do overlap. Hence, fitting
our models to the B08 data has resulted in lower velocity
dispersions for the MP and higher velocity dispersions for
the MR than estimated by WP11 from their own data.

This discrepancy could reflect differences in analysis or
between the B08 and WP11 datasets. To investigate this
further we compare in Fig. 5 the (Rh,σlos) values inferred for
the two underlying populations byWP11 with those inferred
directly for the observed populations from the B08 data. We
obtain the latter by numerically integrating the count and
velocity dispersion data shown in Fig. 1. Although the values
of Rh obtained from the two datasets agree well, the value
of σlos in WP11 is noticeably lower for the MR population,
and is noticeably higher for the MP population than in B08.
The shifts, however, are at the 1σ level. Some shift may be
expected because the two observed populations of B08 may
mix the two underlying populations of WP11, but it cannot
be large given the excellent agreement in the characteristic
radii inferred from the two studies.

Fig. 5 also shows contours from our MCMC analysis
constrained to fit both B08 populations in a single NFW
potential. The prior imposed by this constraint biases the
σlos estimate high by about 0.5σ for the MR population
and low by about 1σ for the MP population, thus enhancing
the offset from the WP11 estimates. Hence, the differing
conclusions in WP11 and in this paper are due, in part, to
differences in the data analyzed and, in part, to a difference
in the statistical question addressed: WP11 ask which profile
slope best fits their estimated (Rh,σlos) values, whereas we

1 This estimator is constructed to be only weakly sensitive to
the details of the density and velocity anisotropy profiles (see
also Wolf et al. 2010)
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Figure 4. Constraints from WP11 and from the models of this
paper in the (Rh,Mh) plane. The two straight lines and the con-
tours traced by open circles are taken directly from Figure 10
of WP11 and indicate M ∝ rα with α = 2, 3 and the 50% c.l.
regions given by their MCMC analysis for the parameters of the
two underlying populations. For comparison, the solid contours
show 68% and 90% c.l. regions from our own MCMC chains con-
strained by the B08 data and assuming both populations to be
in equilibrium within a single NFW potential.
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Figure 5. Overall light-weighted line-of-sight velocity dispersion
vs projected half-light radius. The dots linked by a solid line cor-
respond to the B08 MR and MP populations and the dots linked
by a dotted line to the two WP11 populations. The contours are
68% and 90% c.l. from MCMC chains for our stellar distribution
function models constrained by the B08 data and required to be
in equilibirum in a single NFW potential.

ask whether the B08 observations are able to exclude an
NFW potential.

An additional uncertainty in the approach of WP11
comes from the assumption that the coefficient in Eqn. 21
is independent of the detailed structure of each compo-
nent. We checked the relation between Mh, Rh, and σlos

for the MR and MP populations in the model of Fig. 1,
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Cores or cusps in dwarf gals?   

- Some dwarfs have rotation curves that agree well with EAGLE 

- Others have inner mass deficits compared to  ΛCDM expectation 

- In many cases, inner deficit much larger than seen in simulations 
that make cores 

EITHER  (i) dark matter more complex than in any current model 

OR         (ii)  current simulations fail to reproduce effects of baryons                  
  on inner regions of dwarfs 

AND/OR (iii) the mass profiles of  “inner mass deficit” galaxies 
  inferred from kinematic data are incorrect. 
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“We find that 0.04% of host 
galaxies [in Millennium II] display 

satellite alignments that are at 
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Figure 1: Map of the Andromeda satellite system. The homogenous PAndAS survey (irregular 

polygon) provides the source catalogue for the detections and distance measurements of the 27 

satellite galaxies20  (filled circles) used in this study.  Near M31 (ellipse), the high background 

hampers the detection of new satellites and precludes reliable distance measurements for M32 and 

NGC 205 (black open circles); we therefore exclude the region inside 2◦.5 (dashed circle) from the 

analysis. The seven satellites known outside the PandAS area (green circles/arrows) constitute a 

heterogenous sample, discovered in various surveys with non-uniform spatial coverage, and their 

distances are not measured in the same homogenous way. Since a reliable spatial analysis requires 

a dataset with homogenous selection criteria, we do not include these objects in the sample either. 

The analysis shows that satellites marked red are confined to a highly planar structure. Note that 

this structure is approximately perpendicular to lines of constant Galactic latitude, so it is therefore 

aligned approximately perpendicular to the Milky Way’s disk (the grid squares are 4◦  × 4◦). 

Ibata et al ‘13 found a plane of 
15 satellites in Andromeda (out 

of 27) of which 13 have the 
same sense of rotation 

They claim a 4.3σ detection

Ibata et al ‘13 
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the position of each satellite in a coordinate system whose
origin is the central host galaxy. The plane thickness, r?, is
in fact the dispersion in the distance of the satellites from
a plane that goes through the central galaxy. The best fit
plane is the one that minimizes r?. The normal to this plane,
n

plane

, is given by the eigenvector corresponding to the low-
est eigenvalue of the inertia tensor of its members.

Each resulting plane is characterized in terms of its
prominence, P, such that, the larger the prominence, the
least likely is that the plane is due to a chance alignment.
For example, for plane i that has N

sat; i

members and a
thickness, r?; i

, the spatial prominence is defined as:

Pplane i

spatial

=
1

p (6 r?; i

| N
sat; i

)
(2)

where the denominator gives the probability of obtaining
by chance a configuration of N

sat; i

satellites that is thinner
than r?; i

. This probability is computed using 105 isotropic
distributions of satellites as outlined in Appendix A3. Since
the radial distribution of satellites has a strong e↵ect on the
thickness of the resulting planes, we generate each isotropic
realization to have the exact same radial distribution as the
system under study.

Now, it is only natural to characterise the most promi-
nent, or rarest, plane, as the one that is the least likely to be
obtained by chance. Using our notations, this can be written
formally as:

P rarest

spatial

= max
all planes i

h
Pplane i

spatial

i
, (3)

which says that the rarest spatial plane is the one that has
the largest prominence. It is important to note that, within
this approach, for each halo we define a rarest plane. De-
termining if this rarest plane is statistically significant is a
separate question that we will address in Sec. 4.

3.2 Spatial and 2D-kinematic planes

The observational data for the MW and M31 satellites con-
tains both positions and velocity information for these ob-
jects. So, it is natural to try to incorporate this additional
velocity information into the detection of planar configura-
tions of satellites. The M31 satellites have only radial ve-
locity measurements, so the full 3D velocities are unknown.
But since the M31 plane of satellites is almost parallel to the
line of sight, the radial velocities can be used to estimate the
sense of rotation of each satellite with respect to the best fit
plane. In the following, we describe how to select spatial +

2D-kinematic planes, which are at the same time spatially
thin and have a large number of members that share the
same sense of rotation.

Before continuing, it important to discuss some poten-
tially misleading nomenclature used by previous studies.
Satellites sharing the same sense of rotation have been re-
ferred to as corotating satellites (e.g. Ibata13, Bahl & Baum-
gardt 2014). This nomenclature is confusing since corotation
is used to denote a rotation around a common axis. Thus,
two satellites corotate if their orbital poles are very close to-
gether. In the absence of 3D velocities, we only know that,
when projected on the best fit plane, 13 out of the 15 satel-
lites rotate in the same sense, either clockwise or counter-
clockwise.

In addition to the steps described in Sec. 3.1, for each
satellite subset we also determine the number of members
that share the same sense of rotation relative to the best fit
plane. To determine the direction of rotation of each mem-
ber, we take the scalar product between the plane normal
and the orbital momentum of the satellite. A positive scalar
product corresponds to clockwise rotation, while a negative
one corresponds to counter-clockwise rotation. The number
of satellites sharing the same sense of rotation, N

s.s.r.

, is the
maximum between the number of objects rotating clock-
wise and of those rotating counter-clockwise. Following this
step, we assign to each plane a 2D-kinematic prominence,
P

2D�kin

, which is defined as:

Pplane i

2D�kin

=
1

p (> N
s.s.r.; i

| N
sat; i

)
, (4)

which gives the probability of obtaining by chance a con-
figuration of N

sat; i

satellites in which at least N
s.s.r.; i

of
them share the same sense of rotation. The procedure for
computing this probability is detailed in Appendix A3.

We define the rarest spatial + 2D-kinematic plane as
the one whose spatial and 2D kinematical distribution is
the least consistent with a statistical fluctuation. Thus,

P rarest

spatial+ 2D-kin

= max
all planes i

h
Pplane i

spatial

⇥ Pplane i

2D�kin

i
, (5)

that is the plane that maximizes the product of the spatial

and the 2D-kinematic prominences.

3.3 Spatial and 3D-kinematic planes

In the case of the MW, the 3D velocities of the 11 classical
satellites are known. This suggests that for the MW sys-
tem one can identify planes that are both spatially thin and
show a large degree of coherent 3D kinematics. For this, one
needs to construct a cost function that rewards systems in
which most satellites have orbital poles close together and
penalizes the systems in which the orbital poles are isotropic.
For example, to study long lived planar configurations, the
cost function would preferentially reward systems in which
the orbital momentum of its members is close to parallel or
anti-parallel with the normal to the best fit plane. For this
work, we employ a variant of the cost function suggested by
Pawlowski & Kroupa (2013), since this one has been used in
other studies that claim a tension between the MW satellite
plane and ⇤CDM predictions (e.g. Pawlowski et al. 2014).
That function has been proposed after examining the orbital
data of the MW satellites, and as such is a posteriori defined
to the characteristics of the Galactic satellite distribution. It
may happen that other satellite planes in the Universe have
di↵erent orbital structures, in which case that cost function
may not be optimally suited for characterizing the amount
of kinematical structure.

To compute the amount of kinematical information, we
proceed as follows. For each of the satellite subsets used in
Sec. 3.1, we determine the dispersion in the orbital poles,
i.e. directions of the orbital momenta, of its members as

�
std

=

s P
Nsat
i=1

arccos2 (n
orbit

· n
orbit; i

)

N
sat

(6)

where n
orbit; i

denotes the orbital momentum direction of
each member of the plane. With n

orbit

we denote the mean
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the position of each satellite in a coordinate system whose
origin is the central host galaxy. The plane thickness, r?, is
in fact the dispersion in the distance of the satellites from
a plane that goes through the central galaxy. The best fit
plane is the one that minimizes r?. The normal to this plane,
n

plane

, is given by the eigenvector corresponding to the low-
est eigenvalue of the inertia tensor of its members.

Each resulting plane is characterized in terms of its
prominence, P, such that, the larger the prominence, the
least likely is that the plane is due to a chance alignment.
For example, for plane i that has N

sat; i

members and a
thickness, r?; i

, the spatial prominence is defined as:

Pplane i

spatial

=
1

p (6 r?; i

| N
sat; i

)
(2)

where the denominator gives the probability of obtaining
by chance a configuration of N

sat; i

satellites that is thinner
than r?; i

. This probability is computed using 105 isotropic
distributions of satellites as outlined in Appendix A3. Since
the radial distribution of satellites has a strong e↵ect on the
thickness of the resulting planes, we generate each isotropic
realization to have the exact same radial distribution as the
system under study.

Now, it is only natural to characterise the most promi-
nent, or rarest, plane, as the one that is the least likely to be
obtained by chance. Using our notations, this can be written
formally as:

P rarest

spatial

= max
all planes i

h
Pplane i

spatial

i
, (3)

which says that the rarest spatial plane is the one that has
the largest prominence. It is important to note that, within
this approach, for each halo we define a rarest plane. De-
termining if this rarest plane is statistically significant is a
separate question that we will address in Sec. 4.

3.2 Spatial and 2D-kinematic planes

The observational data for the MW and M31 satellites con-
tains both positions and velocity information for these ob-
jects. So, it is natural to try to incorporate this additional
velocity information into the detection of planar configura-
tions of satellites. The M31 satellites have only radial ve-
locity measurements, so the full 3D velocities are unknown.
But since the M31 plane of satellites is almost parallel to the
line of sight, the radial velocities can be used to estimate the
sense of rotation of each satellite with respect to the best fit
plane. In the following, we describe how to select spatial +

2D-kinematic planes, which are at the same time spatially
thin and have a large number of members that share the
same sense of rotation.

Before continuing, it important to discuss some poten-
tially misleading nomenclature used by previous studies.
Satellites sharing the same sense of rotation have been re-
ferred to as corotating satellites (e.g. Ibata13, Bahl & Baum-
gardt 2014). This nomenclature is confusing since corotation
is used to denote a rotation around a common axis. Thus,
two satellites corotate if their orbital poles are very close to-
gether. In the absence of 3D velocities, we only know that,
when projected on the best fit plane, 13 out of the 15 satel-
lites rotate in the same sense, either clockwise or counter-
clockwise.

In addition to the steps described in Sec. 3.1, for each
satellite subset we also determine the number of members
that share the same sense of rotation relative to the best fit
plane. To determine the direction of rotation of each mem-
ber, we take the scalar product between the plane normal
and the orbital momentum of the satellite. A positive scalar
product corresponds to clockwise rotation, while a negative
one corresponds to counter-clockwise rotation. The number
of satellites sharing the same sense of rotation, N

s.s.r.

, is the
maximum between the number of objects rotating clock-
wise and of those rotating counter-clockwise. Following this
step, we assign to each plane a 2D-kinematic prominence,
P

2D�kin

, which is defined as:

Pplane i
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=
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p (> N
s.s.r.; i

| N
sat; i

)
, (4)

which gives the probability of obtaining by chance a con-
figuration of N

sat; i

satellites in which at least N
s.s.r.; i

of
them share the same sense of rotation. The procedure for
computing this probability is detailed in Appendix A3.

We define the rarest spatial + 2D-kinematic plane as
the one whose spatial and 2D kinematical distribution is
the least consistent with a statistical fluctuation. Thus,
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, (5)

that is the plane that maximizes the product of the spatial

and the 2D-kinematic prominences.

3.3 Spatial and 3D-kinematic planes

In the case of the MW, the 3D velocities of the 11 classical
satellites are known. This suggests that for the MW sys-
tem one can identify planes that are both spatially thin and
show a large degree of coherent 3D kinematics. For this, one
needs to construct a cost function that rewards systems in
which most satellites have orbital poles close together and
penalizes the systems in which the orbital poles are isotropic.
For example, to study long lived planar configurations, the
cost function would preferentially reward systems in which
the orbital momentum of its members is close to parallel or
anti-parallel with the normal to the best fit plane. For this
work, we employ a variant of the cost function suggested by
Pawlowski & Kroupa (2013), since this one has been used in
other studies that claim a tension between the MW satellite
plane and ⇤CDM predictions (e.g. Pawlowski et al. 2014).
That function has been proposed after examining the orbital
data of the MW satellites, and as such is a posteriori defined
to the characteristics of the Galactic satellite distribution. It
may happen that other satellite planes in the Universe have
di↵erent orbital structures, in which case that cost function
may not be optimally suited for characterizing the amount
of kinematical structure.

To compute the amount of kinematical information, we
proceed as follows. For each of the satellite subsets used in
Sec. 3.1, we determine the dispersion in the orbital poles,
i.e. directions of the orbital momenta, of its members as
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where n
orbit; i

denotes the orbital momentum direction of
each member of the plane. With n

orbit

we denote the mean

c� 0000 RAS, MNRAS 000, 000–000

4 Cautun et al.

the position of each satellite in a coordinate system whose
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is used to denote a rotation around a common axis. Thus,
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lites rotate in the same sense, either clockwise or counter-
clockwise.

In addition to the steps described in Sec. 3.1, for each
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In the case of the MW, the 3D velocities of the 11 classical
satellites are known. This suggests that for the MW sys-
tem one can identify planes that are both spatially thin and
show a large degree of coherent 3D kinematics. For this, one
needs to construct a cost function that rewards systems in
which most satellites have orbital poles close together and
penalizes the systems in which the orbital poles are isotropic.
For example, to study long lived planar configurations, the
cost function would preferentially reward systems in which
the orbital momentum of its members is close to parallel or
anti-parallel with the normal to the best fit plane. For this
work, we employ a variant of the cost function suggested by
Pawlowski & Kroupa (2013), since this one has been used in
other studies that claim a tension between the MW satellite
plane and ⇤CDM predictions (e.g. Pawlowski et al. 2014).
That function has been proposed after examining the orbital
data of the MW satellites, and as such is a posteriori defined
to the characteristics of the Galactic satellite distribution. It
may happen that other satellite planes in the Universe have
di↵erent orbital structures, in which case that cost function
may not be optimally suited for characterizing the amount
of kinematical structure.

To compute the amount of kinematical information, we
proceed as follows. For each of the satellite subsets used in
Sec. 3.1, we determine the dispersion in the orbital poles,
i.e. directions of the orbital momenta, of its members as
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The “satellite disk” problem 

Prominence of  
a plane  Probability of finding plane in random distr 

1 
= 

Prominence of plane thiner 
than r  having Nsat galaxies | _ 

Prominence of plane of Nsat 
gals, N same sense of rotation 

Cautun et al ‘15 



University of Durham 

Institute for Computational Cosmology 
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In random distribution, 1 in 30,000 chance of finding a 
plane of 15 sats (out of 27) as thin found by Ibata et al., 

with at least 13 having same sense of rotation    

0.0

0.2

0.4

0.6

0.8

1.0

10
0

10
1

10
2

10
3

10
4

10
5

10
6

0 1 2 3

C
D

F

plane prominence  P
rarest
spatial + 2D-kin

significance  [σ]

MS-II
COCO

isotropic

M31 plane

Including “trials factor” 

Fr
eq

ue
nc

e 
of

 ra
re

 p
la

ne
s 

in
 C

D
M

 

The significance of Ibata’s plane 

•  Significance of 
Ibata’s plane is 
reduced by x100 
when trials factor is 
included 

•  8.8% of halos in 
ΛCDM simulation 
have even more 
prominent disks 
than Ibata’s  
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Conclusions 
 

•  ΛCDM: great success on scales > 1Mpc: CMB, LSS, gal evolution 

•  But on these scales ΛCDM cannot be distinguished from WDM 

•  The identity of the DM makes a big difference on small scales 

Four “problems” on small scales: 

1.  Abundance of sats:  CDM OK; WDM OK if mWDM> 3 KeV  

2.  Too-big-to-fail: CDM, WDM OK 

3.   Core-cusp:   Not a problem? (Baryon effects?) 

4.   Disk of satellites: CDM, WDM OK 
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cold dark matter • warm dark matter  

Lovell, Eke, Frenk, Gao, Jenkins, Wang, White, Theuns, 
Boyarski & Ruchayskiy  ‘12 

Not by the number of satellites 

nor by their structure!  

How can we distinguish between these? 
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cold dark matter 

Can we distinguish CDM/WDM?  

1. Dark subhalos (gravitational lensing)? 
2. Stellar streams (stellar surveys – PAndAS, GAIA)? 

warm dark matter  


